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Stellar Populations



Resolved Stellar Populations

Science from Collections of 
Individual Stars

M31
Inner disk

M31
Halo



Colors & magnitudes

Encode information about stars’ 
temperatures, luminosities

M31
Inner disk

M31
Halo



Color-Magnitude Diagrams (CMDs)

Movie Credit: Dan Weisz

Shaped by ages of underlying stellar 
populations



Color-Magnitude Diagrams (CMDs)

Movie Credit: Dan Weisz

Unique, redundant information at all epochs.
Main sequence turnoff is least ambiguous.



Stars are a clock.

They generically tag 
the ages of past 

events, along with the 
associated masses 

and energies

HST optical CMD, 
color-coded by age



Derive star formation histories (SFHs)

Movie Credit: Dan Weisz

Caveat: sensitive to stellar interiors, atmospheres, winds, & lifetimes

Decode CMDs by fitting both 
location of features and relative #’s of s



Use different age, Fe/H models as 
a basis set for modeling the CMD

Weights give SFR, Fe/H at each time
“MATCH”, by Andy Dolphin



Star Formation History: SFH = SFR(t) 

Constrains: Galaxy formation, metal 
enrichment,…

Gogarten et al 2010



New questions 
about fundamental 

astrophysical 
quantities

• What ionizing flux 
and kinetic energy 
was deposited by 
stars, and when? 

• What stellar masses 
are evolving at the 
present time?

• What are timescales 
for forming unusual 
systems (HMXB, Be 
stars, etc)?



What do resolved stellar 
population studies require?

• Wavelength coverage (colors)

• Depth (more CMD features)

• Resolution (more stars)



Wavelength coverage: needed to 
probe stellar temperature
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Requires detectability in both filters, 
different relative fluxes for different Teff
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JWST NIRCAM Wide Filters
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Long-wavelength broad-band 
colors less informative

10,000K
5,500K
3,500K

Relative 
fluxes 

similar for 
all stars



10,000K
5,500K
3,500K

Bluer bands 
have better 
Teff sensitivity 
and brighter 
fluxes for hot  
young stars

Short-channel NIRCAM Filters



Short-channel NIRCAM Filters

10,000K
5,500K
3,500K

Hot stars 
will be much 

harder to 
detect in 

redder bands



Flip side: Great for cool stars

10,000K
5,500K
3,500K

AGB, 
RGB, 
RSG



What do resolved stellar 
population studies require?

• Wavelength coverage (colors)

• Depth (more CMD features)

• Resolution (more stars)



Blue & Red Core Helium Burning 
(0.25-1 Gyr)

RGB

AGB

MS

Red 
Clump

5 Gyr Turnoff

More 
information, 
especially 

for old ages



JWST will be fast

HST 
2.4 m

JWST 
6.5 m



JWST will be fast

JWST 
6.5 m

• 7.3x more 
photons/s

• 7.3x smaller 
PSF area = 
less noise 
from 
background



…but depth per integration time only 
increases for “uncrowded” or 
“photon-limited” observations

M31
Inner disk

M31
Halo

“Crowded” “Uncrowded”



“Photon-Limited” Regime

• Deeper (more, fainter stars)

2 Orbits

19 Orbits

• Better SNR

M33: Courtesy 
Ben Williams



“Crowding-Limited” Regime

• No increase in depth (no addt’l stars)

2 Orbits
19 Orbits

• Better SNR



In “crowding-limited” images…

…how faint you see depends on 
how tightly stars are packed



Faint ’s 
detected

Faint ’s missing.
Blended w/ bright ’s

Less Crowded More Crowded



What sets the depth of crowded images?

Faint ’s 
detected

Faint ’s missing.
Blended w/ bright ’s

See simulations by Knut Olsen et al 2003



1. Crowding depends on stellar density
(i.e., # of stars per square arcecond)

• Intrinsically diffuse • High ✭ surface density
• Close • Distant



2. Depth depends on maximum # of stars that 
can be resolved for telescope+instrument 

ACS WFC3/IR

PHAT: 
Dalcanton et al 2012

Stellar density vs depth for fields in PHAT



The max # of stars/☐” is set by the 
resolution of telescope+instrument

Smaller PSF, pixels Larger PSF, pixels

ACS WFC3/IR



Depth (“crowding-limit”) depends on 
the stellar luminosity function.

Old stellar population: Rosenfield et al 2014

When this 
axis 

reaches the 
maximum 
stars/☐”…

…what is 
the 

associated 
magnitude?



For fixed surface density, better 
resolution leads to more depth



WFC3/IR JWST

JWST: Large gain in NIR resolution

1.7 
microns

Crowded regions will be deeper in NIR



WFC3/UVISJWST
1.7 microns 0.6 microns

But, resolution comparable to HST optical



Fields of view comparable as 
well

WFC3
IR

JWST
NIRCAM

WFC3
UVIS



JWSTJWST
1.7 microns 0.7 microns

In the optical, JWST highly undersampled



PSF undersampling will hurt detection 
of hot, young, massive stars…

10,000K
5,500K
3,500K

Helps with 
dust, but 

limits 
resolution 

gains



Best trade-off of throughput, color-
leverage, dust, and PSF sampling?

10,000K
5,500K
3,500K

F090W + 
F200W 



Movie Credits: Dan Weisz
JW
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H
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Prospects for JWST

• Huge gains in diffuse, uncrowded regions (galaxy 
halos, outer disks, Local Group, dwarfs)

• Vastly better CMD depth+area compared to 
HST’s WFC3/IR

• Comparable CMD depth+area as WFC3/UVIS, 
but with better SNR / exposure time

• Challenges for younger stellar populations, but 
gold mine for old populations and cool stars





How do we go from this…

NGC 300; 
Gogarten et al 2010 …to SCIENCE!



Age resolution is ~logarithmic

Younger Older

High temporal resolution at recent times, 
lower resolution at older times





Building model CMDs

Theoretical isochrones

*CMD = 
“Color-

Magnitude 
Diagram”



Populate isochrone with ’s, 
drawn from the IMF

*IMF = 
“Initial 
Mass 

Function”



Convolve model points with 
errors & completeness 

From 
artificial 

star 
simulations



Add foreground & internal 
(differential) reddening

AV, dAV

Can also 
fit for 

distance



Bin to produce probability 
distribution for that age bin

Binned 
CMD = 
“Hess 

diagram”



Increasing Age



Repeat for Metallicity

More 
metals = 
more line 
blanketing 
in the blue, 
and back-

warming to 
the red



Use different age, Fe/H models as 
a basis set for modeling the CMD

Weights give SFR, Fe/H at each time
“MATCH”, by Andy Dolphin



Derive the “Star Formation 
History” (SFH)

SFH = SFR(t)



Data Model Residuals
NGC 300

M33 SFH

Gogarten et al 2010

NGC 300 SFH





“Forced” Photometry
– 7 –

SDSS r image WISE W1 image WISE W1 image

WISE W1 image WISE W1 model WISE W1 model + noise

Fig. 2.— Example forced photometry results. Top-left: SDSS r-band image, with point

sources (small red) and galaxies (large orange) marked. (Some of these sources will have

been detected in the other SDSS bands.) These are the sources that will be photometered,

along with sources from the WISE catalog that are detected only in WISE. Top-middle:

WISE W1 image, smoothed by resampling. Top-right: WISE W1 image at original (native)

resolution. Bottom-left: WISE W1 image, with WISE catalog detections (green cross) and

SDSS sources marked. Notice that the central source is detected as a single source in WISE,

but resolved into two sources by SDSS. Also notice a number of WISE-only and SDSS-only

detections. Bottom-middle: Forced photometry model image. This is a weighted sum of

WISE PSF models (convolved by the galaxy profile for the one galaxy in this field) at the

positions of SDSS and WISE-only sources, with weights chosen to minimize the chi-squared

residuals from the WISE W1 image. Bottom-right: The model image at native resolution,

plus per-pixel noise equal to that in the real image. The model is a good approximation to

the real image, given the observational noise.
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Use catalog from one survey to force model fits at 
those positions.



Crowded field photometry 
analogous to “forced” photometry

*Will focus on HST, which is state of the art.



Crowded field photometry 
overview

Align images, then combine 
deepest, highest resolution set

Fit PSF Amplitude in Individual Images

Find All Stars

Subtract Stars & Repeat
“DOLPHOT”, by Andy Dolphin



Crowded Field Photometry

Image Image-Model 
x a big number



Photometric accuracy 
depends critically on the 
point-spread function

Brewer & Lewis 2008



Point-Spread Function

Varies w/ wavelength
(Wider at long wavelengths)
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Point-Spread Function:  
Varies with position

throughout the paper). With equation (4) at hand, it is now pos-
sible to define the star’s ellipticity in the following two ways:

δ ¼
!
Q11 "Q22

Q11 þQ22
;

Q12

Q11 þQ22

"
; (5)

ϵ ¼
#

Q11 "Q22

Q11 þQ22 þ 2ðQ11Q22 "Q2
12Þ1=2

;

Q12

Q11 þQ22 þ 2ðQ11Q22 "Q2
12Þ1=2

$
: (6)

For an ellipse with axis ratio r, jδj and jϵj correspond to
ð1" r2Þ=ð1þ r2Þ and ð1" rÞ=ð1þ rÞ, respectively. In this pa-
per, we select equation (6) as our definition of ellipticity, refer-
ring to the first and second components of ϵ as ϵþ and ϵ×,
respectively. The size of a star can be similarly defined using
the above quadrupole moments Qij. One common choice is

b ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
Q11 þQ22

p
; (7)

which we adopt in this work.
In the left panel of Figure 5, we display the ellipticities of the

∼870 isolated stars found in Figure 3. The size and the orienta-
tion of the “whiskers” represent the magnitude of ellipticity and
the direction of elongation, respectively. The majority of the
stars are stretched approximately parallel to the y ¼ x line. This
direction is roughly tangential to the vector pointing toward the
telescope axis, and this type of pattern is observed when HST
is at its nominal “negative” focus (the actual focus offsets on
the surface of the WFC detector can be positive in certain
regions because of the curvature of the focal plane and the de-

tector height variation). We repeat this ellipticity measurement
for our model PSFs, and the results are shown in the middle
panel of Figure 5, which displays the predicted ellipticities
of PSFs at the same star positions. We plot the residual el-
lipticities in the right panel. It is apparent that our PSF model
obtained through PCA robustly recovers the observed elliptici-
ties. With 3σ outliers discarded, the mean absolute deviation
〈jδϵj〉 is ð6:5& 0:1Þ × 10"3, and the mean ellipticity 〈δϵ〉 is
[ð1:1& 2:2Þ × 10"4, ð2:3& 1:4Þ × 10"4].

Another way to quantify the quality of the ellipticity repre-
sentation of a PSF model is to investigate the ellipticity correla-
tion as a function of separation θ:

ξþðθÞ ¼ 〈ϵþðrÞϵþðrþ θÞ〉; (8)

ξ×ðθÞ ¼ 〈ϵ×ðrÞϵ×ðrþ θÞ〉: (9)

We show in Figure 6 the ellipticity correlation functions for the
observed PSF (left), the model (middle), and the residual (right).
The solid and dashed lines represent ξþ and ξ×, respectively.
The amplitude of the residual ellipticity correlation is ∼10"7

(after discarding the values at θ > 220″, which are spuriously
high due to the poor statistics in this regime and an arti-
fact of the interpolation), approximately 3 orders of magnitude
lower than the uncorrected values.

A size of the PSFs (eq. [7]) is also a useful quantify in char-
acterizing PSFs. In general, both the aberration-induced elonga-
tion and the charge diffusion are responsible for the broadening
of WFC PSFs. Krist (2003) noticed that the PSF width variation
by charge diffusion remarkably resembles the pattern of the
WFC CCD thickness variation. The blurring is most severe
in the central region where the CCD layer is the thickest,

FIG. 5.—Position-dependent WFC PSF ellipticity variation. We display the ellipticity of the stars (left) directly measured from the image (Fig. 3). The size
and the orientation of the whiskers represent the magnitude of ellipticity and the direction of elongation, respectively. Our PCA model nicely reproduces the posi-
tion-dependent ellipticity variation (middle). The residuals (right) between the PCA model and the direct measurements are very small. It is apparent that our PSF model
obtained through PCA stringently recovers the observed ellipticities. With 3σ outliers discarded, the mean absolute deviation 〈jδϵj〉 is ð6:5& 0:1Þ × 10"3, and the mean
ellipticity 〈δϵ〉 is [ð1:1& 2:2Þ × 10"4, ð2:3& 1:4Þ × 10"4].

1408 JEE ET AL.

2007 PASP, 119:1403–1419

and the r ∼ 100″ annulus surrounding this region has the least
charge diffusion, consistent with its lowest thickness. The
left panel of Figure 7 shows our estimation of the position-
dependent WFC PSF width variation measured from the stars
in Figure 3. The global pattern nicely agrees with the result
of Krist (2003) (i.e., the detection of the “hill” at x ∼ 1500
and y ∼ 2200 and the “moat” surrounding the hill). Because
the image is taken in F814W, the charge diffusion effect is
somewhat reduced (compare this with Fig. 2 of Krist [2003]
showing the variation in F550M). In addition, we note that
the PSF widths are greatest along the field boundary, which

is by and large due to the optically induced PSF elongation.
We display the PSF width variation predicted from our model
in the right panel of Figure 7. The employed polynomial inter-
polation smooths the variation and slightly flattens the hill and
moat features. The stars in the hill in the right panel are ∼0:4%
smaller, whereas the stars in the moat are ∼0:3% larger.

Krist (2003) claimed that there was a height difference of
∼0:02 μm between the two CCDs, which manifested itself as
a discontinuity of the PSF pattern across the gap. The observed
PSF size variation (left panel of Fig. 7) seems to show faint in-
dications of the height difference. However, we do not find any

FIG. 6.—Ellipticity correlation functions for the observed PSF (left), the model (middle), and the residual ellipticities (right). The solid and dashed lines represent ξþ
and ξ×, respectively. The amplitude of the residual ellipticity correlation is ∼10"7 (after discarding the values at θ > 220″, which are spuriously high due to the poor
statistics in this regime and an artifact of the interpolation), approximately 3 orders of magnitude lower than the uncorrected values in the other panels. We do not display
error bars to avoid clutter. The typical size of error bars at θ < 220″ is ∼10"7.

FIG. 7.—Position-dependent WFC PSF width variation. We show (left) our direct measurement of the PSF widths from the stars in Fig. 3. Our PSF model with PCA
closely reproduces this observed PSF width variation (right). The detection of the hill at x ∼ 1500 and y ∼ 2200 and the moat surrounding the hill is seen in both panels
though the hill looks slightly less pronounced in the right panel because of the employed polynomial interpolation The stars in the hill in the right panel are ∼0:4%
smaller, whereas the stars in the moat are ∼0:3% larger.

PSF PRINCIPAL COMPONENT ANALYSIS OF ACS 1409

2007 PASP, 119:1403–1419

HST ACS Camera in F814W filter: Jee et al 2007

Ellipticity Width



Point-Spread Function:  
Varies with time

efficiency in describing ACS PSFs, their performance is some-
what inferior to the current method because the basis functions
derived from PCA are optimally customized to the given data. In
the following, we present a quantitative comparison using the
same data set (J8C0D1051) analyzed with PCA in § 3.1.

We choose a shapelet order of eight and apply a fourth-order
polynomial interpolation. As stated in Jee et al. (2005a), in-
creasing the order of polynomials beyond the third order does
not improve the fit. A shapelet order of eight contains 45 inde-
pendent basis functions. We again emphasize that increasing the
shapelet order beyond this at the expense of computation time
does not noticeably improve the quality of the ACS PSF repre-

sentation (sometimes this makes the interpolation unstable as
the high-order terms start fitting the noise).

The left panel of Figure 11 shows the ellipticity residuals
between the observed stars and the shapelet model. The mean
absolute deviation 〈jδϵj〉 is ð6:8" 0:1Þ × 10$3 after 3σ outlier
rejection. This is very close to the value that we obtained from
the PCA method [ð6:5" 0:1Þ × 10$3]. However, the residual
ellipticity correlation (middle panel of Fig. 11) illustrates that
the systematic errors of the shapelet model (black) is somewhat
higher than the PCA model (red); we see higher correlation
on small scales (≲100″) and higher anticorrelation on large
scales (≳150″).

FIG. 9.—Time- and position-dependent PSF ellipticity variation observed in 30 different F435W exposures. Time increases to the right and to the bottom. The
exposures are not homogeneously sampled in time (The first nine exposures are taken at different times on the same observation date). It is clear that the PSF ellipticity
pattern varies quite significantly in both direction and magnitude.

1412 JEE ET AL.

2007 PASP, 119:1403–1419

Jee et al 2007



PSF errors affect magnitudes

43
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Fig. 24.— Systematic magnitude and color variations for the same stars measured on di↵erent parts of the ACS/WFC camera in F475W (top left), F814W (top middle), and
F475W-F814W (top right) from outside of the bulge, and on di↵erent parts of WFC3/IR in F110W (bottom left), F160W (bottom middle), and F110W-F160W (bottom right) from
the overlap between bricks 9 and 11. The systematic errors as a function of brightness are ⇠±0.02-0.05 (see Table 6).
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Fig. 24.— Systematic magnitude and color variations for the same stars measured on di↵erent parts of the ACS/WFC camera in F475W (top left), F814W (top middle), and
F475W-F814W (top right) from outside of the bulge, and on di↵erent parts of WFC3/IR in F110W (bottom left), F160W (bottom middle), and F110W-F160W (bottom right) from
the overlap between bricks 9 and 11. The systematic errors as a function of brightness are ⇠±0.02-0.05 (see Table 6).
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Crowding biases photometry

Undetected faint stars are blended 
with brighter, detected stars



Crowding biases:

•Magnitudes

- Biased brightward from 
blended, undetected s



Crowding biases:

•Colors

- Less biased, because 
blended s add flux to 
all bands

Bias can be large if typical unresolved stars 
have radically different colors, however



Crowding biases

6

step size of 0.45 mag in both dimensions (sizes for spatial
and CMD bins seen in Figures 6 and 5 respectively).
The result is a median of 3.3⇥104 stars input for every
spatial pixel and 36 input stars for every 4D bin. In
each bin with > 10 recovered artificial stars, we calculate
the mean photometric bias for each filter from all the
artificial stars. Stars in 4D bins with < 10 artificial stars
receive no correction value.

Fig. 5.— Color-magnitude diagram (CMD) showing the mean
completeness and bias. This figure is computed from artificial stars
at radii of ⇠2-4 kpc, and therefore highlights the region most af-
fected by completeness and bias that we consider in our analysis
(Section 3.3.4). Our RGB selection box is indicated as a dotted
line. Each bin is 0.45 mag on each side. The completeness is the
number of detected artificial stars divided by the number of those
inserted in each CMD bin (Section 3.3.2). The arrows represent the
magnitude and direction of bias for each bin (Section 3.3.1). The
bias generally shifts stars brighter and closer to the median color
of the galaxy. We correct our median metallicity determinations
for completeness and bias as discussed in Section 3.3.3.

3.3.2. Evaluating our Photometric Completeness

The completeness is the number of detected stars di-
vided by the total number of stars present at a given
magnitude and color. Our completeness correlates with
magnitude; at fainter magnitudes we detect a smaller
fraction of stars and are thus less complete. Because we
require stars to be detected in both filters, each filter con-
tributes to the completeness; for blue stars the F814W
magnitude determines the completeness (thus creating
a horizontal completeness limit on our CMD), while for
redder stars, the F475W magnitude limits the complete-
ness, creating a diagonal completeness limit on our CMD.
These completeness limits are visible in Figure 5 where
the darkest pixels represent ⇠ 0% completeness. The
faint F475Wmagnitudes of metal-rich giants causes these
stars to be most a↵ected by completeness, and thus we
detect a smaller fraction of the most metal-rich stars.
We measure the completeness from the artificial star

tests as follows. We define an artificial star as detected if
it passes the photometry cuts defined in Section 2.1 and
has an absolute magnitude change less than 0.75 mag.
The completeness is then simply the fraction of artificial
stars detected in a particular spatial and CMD volume.
We measure the completeness using the same 4D bins
described previously in Section 3.3.1.
To correct for completeness, we divide the total num-

ber of artificial stars recovered and inserted at a given

CMD position using the input magnitudes (i.e. after the
bias correction, Section 3.3.3). This is somewhat di↵er-
ent from the standard practice where completeness is cal-
culated using the observed magnitudes to determine the
detections and the input magnitudes to determine the
total number of stars inserted at a given CMD position.
Due to the small number of stars in each individual 4D

bin, the errors on the completeness in an individual bin
are large. To reduce these uncertainties, we model the
completeness at a given color as a function of F814W

o

magnitude using a sigmoid function (e.g. Bik et al. 2014):

C
model

(F814W
o

|a, b) = (1�exp(
1

a
·F814W

o

+b))�1 (1)

Our modeling process is a loop with five steps: First, we
select artificial stars within a 2-dimensional spatial bin.
Second, we select artificial stars within a particular color
bin and in the neighboring color bin(s). Using neigh-
boring bins increases the number of stars used for each
fit. Also as a result the fit parameters become covari-
ant. This is beneficial because the covariance e↵ectively
smooths along the color dimension and makes the mea-
surement more robust. Third, we bin the color-selected
stars into independent F814W

o

magnitude bins. The
completeness for each 2-dimensional color-magnitude bin
is the fraction of detected to input artificial stars. An er-
ror in this measurement is also estimated. Fourth, we
fit the completeness vs F814W

o

to Equation 1 using �2

minimization and determine a and b for that color bin.
Fifth, we use the model to assign a fitted completeness
to each 4D bin.
At the end of this process, we have robust measure-

ments of our completeness binned in 4D. We show a spa-
tial map of our completeness for RGB stars in Figure 6;
this figure is discussed further in Section 3.3.4.

3.3.3. Applying Photometric Corrections

Using the results from 3.3.1 and 3.3.2 We correct our
final median metallicity measurements for the photomet-
ric bias and completeness systematics. To apply this
correction, we first correct the observed photometry for
photometric bias. Then, when aggregating into the me-
dian metallicity, we correct for completeness by weight-
ing each star by the inverse of the recovered completeness
from Section 3.3.2. In this section, we further describe
these corrections and the creation of a photometrically
corrected median metallicity map.
To correct the observed star photometry for the photo-

metric bias in each filter, we first bin the observed stars
using the same 4D bins described in Section 3.3.1. Then,
we select each spatial bin and consider only the mean bias
values in the associated CMD bins. We interpolate the
bias for each star in both filters using the CMD bin cen-
ters and mean bias values (as we did for the metallicity
in Section 3.2). Finally, the observed star photometry is
corrected for bias by subtracting interpolated bias from
the observed photometry.
We use the bias corrected photometry to estimate a

photometric completeness for each star. The process is
similar to interpolating the bias values for each star, only
we now use the 4D recovered completeness data from
Section 3.3.2. We apply a minimum completeness limit
of 0.05 so when weighting by completeness no star can

Gregerson et al 2015

Biases & completeness must be 
characterized w/ “artificial star tests”



Crowding dominates uncertainties

Uncertainties set by accuracy with 
which neighbors are subtracted, for all 

but the brightest stars


